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A B S T R A C T 

In cosmological simulations of large-scale structure, star formation and feedback in galaxies are modelled by so-called subgrid 

models, which represent a physically motivated approximation of processes occurring below the resolution limit. However, 
when additional physical processes are considered in these simulations, for instance, magnetic fields or cosmic rays, they are 
often not consistently coupled within the descriptions of the underlying subgrid star formation models. Here, we present a 
careful study on how one of the most commonly used subgrid models for star formation in current large-scale cosmological 
simulations can be modified to self-consistently include the effects of non-thermal components (e.g. magnetic fields) within the 
fluid. We demonstrate that our new modelling approach, which includes the magnetic pressure as an additional regulation on 

star formation, can reproduce global properties of the magnetic field within galaxies in a set-up of an isolated Milky Way-like 
galaxy simulation, but is also successful in reproducing local properties such as the anticorrelation between the local magnetic 
field strength with the local star formation rate as observed in galaxies (i.e. NGC 1097). This reveals how crucial a consistent 
treatment of different physical processes is within cosmological simulations and gives guidance for future simulations. 

Key words: galaxies – galaxies: magnetic fields – galaxies: star formation – methods: numerical . 
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 I N T RO D U C T I O N  

umerical simulations of structure formation are essential for under- 
tanding the dynamics of physical processes in the Universe. Usually, 
hey describe scales of Giga-parsec and include galaxy clusters, 
he intracluster medium, groups of galaxies, galaxies, and their 
onstituents. Modelling different physical processes in such a variety 
f spatial and mass scales is a challenge that brings the necessity to
se physically motivated models describing the physics on scales that 
re not possible to resolve given the current computational resources. 

Understanding galaxy formation and evolution has been a long- 
tanding problem, theoretically approached by semi-analytic meth- 
ds (e.g. Lacey & Silk 1991 ; Kauffmann, Guiderdoni & White 1994 ),
ydrodynamical simulations of galaxy groups (e.g. Hirschmann et al. 
014 ; Vogelsberger et al. 2014 ; Schaye et al. 2015a ; Pillepich et al.
018 ; Crain & van de Voort 2023 ), and hydrodynamical simulations
f single galaxies (e.g. Governato, Mayer & Brook 2008 ; Oser et al.
010 ; Guedes et al. 2011 ; Aumer et al. 2013 ; Hopkins et al. 2014 ;
arinacci, Pakmor & Springel 2014 ; Hopkins 2015 ; Murante et al.

015 ; Wang et al. 2015 ; Agertz & Kravtsov 2016 ; Grand et al. 2017 ;
alentini et al. 2017 , 2018 , 2023 ; Hopkins et al. 2018 , 2022 , 2023 ;
iammaria et al. 2021 ). 
 E-mail: batziou@mpa-garching.mpg.de 
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Magnetic fields are ubiquitous in the Universe, and observations 
f disc galaxies show the presence of magnetic fields in (rough)
nergy equipartition with the remaining energy components of 
he interstellar medium (ISM; see e.g. Beck 2015 , for a review).
herefore, there is a growing effort to involve magnetic fields in
imulations of galaxies (e.g. Wang & Abel 2009 ; Dubois & Teyssier
010 ; Pakmor & Springel 2013 ; Rieder & Teyssier 2016 ; Butsky et al.
017 ; Steinwandel et al. 2019 , 2020 ; Wibking & Krumholz 2023a )
nd in cosmological zoom-in simulations (e.g. Beck et al. 2012 ;
akmor et al. 2017 ; Rieder & Teyssier 2017a , b ; Su et al. 2017 ;
artin-Alvarez et al. 2018 ; Hopkins et al. 2020 ; Martin-Alvarez

t al. 2021 ; Pakmor et al. 2024 ). Meanwhile, single large-scale
osmological simulations have started to investigate the magnetic 
eld structure on larger scales (e.g. Marinacci et al. 2018 ; Pillepich
t al. 2018 ; Ramesh et al. 2023 ). 

Star formation and stellar feedback are the key ingredients that 
hape the physics of the ISM of a galaxy, initially studied by

cKee & Ostriker ( 1977 ) and followed up by many groups (e.g.
raine 2011 ; Gatto et al. 2015 ; Kim & Ostriker 2015 ; Martizzi,
aucher-Giguère & Quataert 2015 ; Walch & Naab 2015 ; Haid et al.
016 ; Lucas, Bonnell & Dale 2020 ; Bieri et al. 2023 ; Hirashima
t al. 2023 ). Numerically, incorporating all the relevant physics in
ne model for star formation and feedback has long been a challenge.
The first simulations that include star formation considered a 

imple overdensity criterion of a single fluid gas, i.e. ignoring the
is is an Open Access article distributed under the terms of the Creative
h permits unrestricted reuse, distribution, and reproduction in any medium,
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ultiphase nature of the ISM (White & Rees 1978 ; Cen & Ostriker
992 ; Navarro & White 1993 ; Katz, Weinberg & Hernquist 1996 ).
espite the simplicity of these models they have been used to
nderstand the formation of galaxies in general (e.g. Katz & Gunn
991 ; Navarro & White 1994 ; Steinmetz & Muller 1995 ; Mihos &
ernquist 1996 ). However, with the single fluid approach, these
odels resulted in the well-known overcooling problem due to the

ack of stellar feedback that resulted in an overproduction of stars
see e.g. Somerville & Davé 2015 ; Naab & Ostriker 2017 , for a
etailed discussion). 
The feedback of massive stars (i.e. stellar explosions, stellar

inds, etc.) is a crucial component of the ISM due to the metal
nrichment, builds up turbulence in the medium and disrupts cold
louds in the neighbour of a star (see e.g. Elmegreen & Scalo 2004 ;
calo & Elmegreen 2004 ; Naab & Ostriker 2017 , for reviews). Stellar
eedback and radiative cooling processes in the ISM give rise to a
ultiphase medium (McKee & Ostriker 1977 ) that consists of hot

as, generated by stellar feedback, warm gas at the cooling/heating
quilibrium and cold gas in the cooling dominated regime that can be
plit in neutral and molecular gas, from which the latter is responsible
or the formation of stars. This multiphase nature of the ISM makes
t necessary to modify the star formation recipes and incorporate the

ultiphase structure of the ISM in the numerical modelling initially
escribed in Yepes et al. ( 1997 ) and followed up by Springel &
ernquist ( 2003 ). 
However, in addition to the thermal component of the ISM, other

actors influence its structure, such as turbulence, cosmic rays, and
agnetic fields. These ingredients are fundamental components of

he energy budget of the ISM but are very often ignored, especially
hen it comes to large-scale structure formation simulations or

re not coupled to the subgrid models for star formation or ISM
odelling. 
Recently, a number of different star formation recipes have been

eveloped to capture processes that are relevant to the multiphase
tructure of the ISM. These models can efficiently be coupled to
he heating from supernovae (SNe) and account for a treatment of
on-equilibrium cooling (e.g. Krumholz & McKee 2005 ; Hopkins,
uataert & Murray 2012 ; Hu et al. 2017 ; Ebagezio et al. 2023 ).
urthermore, there is a class of models that incorporate turbulence
e.g. Federrath & Klessen 2012 ; Semenov, Kravtsov & Gnedin 2018 ;
retschmer & Teyssier 2020 ) and models that shift the modelling

rom a density threshold that initiates star formation to a pressure
hreshold (e.g. Murante et al. 2010 ). Although the models mentioned
bove present a significant advancement in the treatment of the ISM,
hey still miss more complicated ingredients, such as the impact
f magnetic fields and cosmic rays, which can be easily accounted
or in pressure-based models (but see e.g. Girma & Teyssier 2024 ,
or an extension of the turbulence models to account for magnetic
elds). 
Magnetic fields are present on every scale of the Universe and are

ignificant when ionized matter is involved. On subgalactic scales,
agnetic fields are the main reason for cosmic ray acceleration

nd propagation via magnetized shocks and are relevant for star
ormation (e.g. Beck 2015 , for a review). Recent studies (e.g.
akmor & Springel 2013 ; Steinwandel et al. 2020 ) show that they
ould potentially contribute to the formation of galactic outflows.
bservations of galaxies (e.g. Beck & Wielebinski 2013 ; Heesen

t al. 2023 ) indicate the existence of an ordered magnetic field
tructure with a magnitude of a few μGauss and a turbulent field of
imilar strength. It has also been confirmed that the magnetic energy
ensity of galaxies is of the same order as the thermal component of
he ISM (e.g. Tabatabaei et al. 2008 ; Basu & Roy 2013 ; Manna &
NRAS 543, 773–788 (2025)
oy 2023a ). The ISM is a low- β plasma (where β is the ratio of
he thermal pressure over the magnetic pressure), and therefore, the

agnetic fields can be dynamically important for the global evolution
f galaxies, and it is fundamental that they are accurately modelled
n numerical simulations. 

Here, we present an updated version of the widely used ISM model
or cosmological simulations by Springel & Hernquist ( 2003 ), taking
nto account the effect of the magnetic fields and allowing for the
ffect of other non-thermal components of the ISM, such as cosmic
ays. This model is particularly designed for the next generation of
osmological simulations and systems that usually do not resolve the
etails of the ISM of galaxies. 
This work aims to include the non-thermal effects of the ISM into

he model for a self-consistent treatment of star formation in the
eld of galaxy formation and evolution. In particular, our updated
odel includes the molecular fraction of the multiphase ISM, which

s responsible for the star-forming gas, in addition to the cold and
ot gas that was included in Springel & Hernquist ( 2003 ). We use
bservational-driven relations between the molecular fraction of the
as and the total pressure of the galaxy (Blitz & Rosolowsky 2006 ),
hich allow us to include the effect of the magnetic fields via the
agnetic pressure as an additional regulation for star formation.
his generalized formulation allows us to include all pressure
omponents of the galaxy, i.e. the thermal pressure of the gas and
on-thermal pressure components such as those from the magnetic
elds, turbulence or cosmic rays. However, we emphasize that, for the
urposes of this study, we only consider magnetic pressure to be the
on-thermal component in our simulations. The primary goal of this
ork is to examine the interplay between star formation and magnetic
eld growth within galaxy simulations. In future studies, other non-

hermal pressure components can be included with our approach. The
odel is designed to incorporate all pressure components that are

ynamically significant in galaxies. Apart from including magnetic
eld effects in the star formation process by taking into account the
agnetic pressure in the formation of cold clouds (i.e. molecular

raction of the ISM), we incorporate the effect of the stellar feedback
n the magnetic field seeding of the galaxy. This model is proposed in
eck et al. ( 2013 ) and assumes that SNe explosions seed the magnetic
eld of a galaxy with no need for a pre-existing primordial field. We
ouple our novel star formation model with the one outlined in Beck
t al. ( 2013 ) to accurately capture the mutual influence between
tar formation processes and magnetic fields in a self-consistent
anner. 
The paper is structured as follows. Section 2 describes the

quations of the updated star formation model and the motivation
or the selection of free parameters. Section 3 briefly describes the
umerical methods and the simulation set-up for an isolated Milky
ay-type galaxy simulation embedded in a realistic environment

o test our updated star formation and feedback implementation.
n Section 4 , we show the results of the Milky Way-type galaxy
imulation and compare the properties of the magnetic field-star
ormation rate correlation to observations. We summarize and give
onclusions in Section 5 . 

 MULTIPHASE  M O D E L  F O R  STAR  

O R M AT I O N  A N D  FEEDBACK  

e present an updated model for star formation and feedback that
ddresses the multiphase structure of the ISM and incorporates
agnetic fields to regulate the star formation process. Our model is

n extension of the widely used star formation model by Springel &
ernquist ( 2003 , SH03 hereafter). In addition, we couple our model
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Figure 1. Schematic representation of the mass flow (of a resolution element) 
between different phases of the ISM and the interaction between them. Hot 
gas is cooling into the cold phase, from where it transits into the molecular 
regime before it is turned into stars once it reaches a density threshold. The 
stars explode as SNe, which restores the hot ISM phase. Furthermore, the hot 
phase interacts with the cold phase as cold clouds evaporate. The novelty of 
this model is to include the molecular phase of the ISM, regulated by thermal 
and non-thermal pressure components of the ISM, which gives rise to star 
formation. 
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the cold gas of the medium and h refers to the hot gas. 
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o the magnetic seeding model of Beck et al. ( 2013 ), which describes
he magnetic field seeding through SNe explosions, which rate is 
erived from our updated star formation recipe. Therefore, we self- 
onsistently model the effect of the magnetic fields in the star
ormation process of the galaxy that shapes the ISM and also the
ffect of the star formation on the magnetic field evolution in galaxies.
n Section 2.1 , we present the equation of our model. In Section 2.2 ,
e specify and motivate the selection of the free parameters in our
odel. In Section 2.3 , we summarize the work of Beck et al. ( 2013 )

nd how it is altered based on our model details. 

.1 Equations of the model 

he new star formation model presented here is a modification 
f the widely used SH03 model for star formation and feedback 
nd is implemented in the developer’s version of the smoothed 
article magnetohydrodynamic (SPMHD) code GADGET (Springel, 
oshida & White 2001 ; Springel 2005 ; Dolag & Stasyszyn 2009 ). In
ur model, a resolution element representing a segment of the ISM
ncompasses both hot and cold gas. A proportion of the cold gas
ndergoes a transition to molecular form, which subsequently gives 
ise to star formation. A unique aspect of our model is incorporating
he molecular fraction, which is regulated by pressure, including 
hermal and non-thermal components of the ISM. The pressure- 
egulated molecular fraction of the ISM is absent in SH03. Therefore, 
e modify their model accordingly and derive the equations that 
escribe the subgrid model for star formation and feedback in this
ection. 

Our model includes thermal heating of SNe that evaporates the 
urrounding cold clouds, forms the hot volume filling phase of the 
SM, and enriches the ambient ISM with metals. In addition, the hot
hase is levelled down due to radiative cooling, quickly restoring the 
old phase that eventually transfers into the star-forming molecular 
hase, often neglected in subgrid modelling for star formation, 
hich makes the modelling more complex compared to previous 

pproaches. Once the gas reaches a critical density threshold, it will 
nter the star-forming regime. Even though our model still relies on 
 density threshold for the gas to undergo star formation, this density
hreshold is regulated by the total pressure of the galaxy that includes
hermal and non-thermal components of the ISM, as it will be shown
ater in this section. 

A schematic description of the new model can be found in Fig. 1 .
he main difference compared to the model of SH03 is altering the
ultiphase model in a way that includes an additional component 

f the ISM, which one of the molecular form. The molecular form
f the ISM gas is directly correlated to the total pressure, which
nvolves thermal and non-thermal components of the ISM pressure. 

e use an observationally driven relation between the pressure and 
he molecular fraction of a galaxy by Blitz & Rosolowsky ( 2006 ),
hich will be further motivated later in this section. 
We follow the modelling of SH03 and present here the updated 

ersion of the model equations in our three-phase ISM model. In the
pdated model, the stars are formed on a characteristic time-scale 
hat we choose to be the free fall time-scale of the cold gas with a star
ormation efficiency of f∗. Therefore, the star formation rate density 
s described by the following equation: 

d ρ∗
d t 

= (1 − β) f∗fmol 
ρc 

tdyn 
, (1) 

ith ρ∗ representing averages over star-forming regions of the ISM 

nd dρ∗/ dt is the local star formation density, fmol is the fraction of
he gas in molecular form that is star-forming, ρc 
1 is the density of

he cold gas, tdyn is the dynamical time-scale, and β is the fraction of
he massive, short-lived stars, explode as SN type II in time-scales
omparable to the dynamical time of the system and, therefore cannot
e accounted for the star formation. The parameter β depends on 
he initial mass function (IMF), and here we choose β = 0 . 1 for
 common Salpeter IMF (Salpeter 1955 ). The star formation rate
elates to the gas reservoir of the galaxy through the observational
chmidt–Kennicutt relation (Schmidt 1959 ; Kennicutt 1998 ): 

SFR = (2 . 5 ± 0 . 7) · 10−4 

(
�gas 

M�pc−2 

)1 . 4 ±0 . 15 M�
yr · kpc2 

. (2) 

e assume that star formation is associated with the dynamical time
f the cold gas, which is the free fall time of the cold clouds given
y 

dyn =
√ 

3 π

32 Gρc 

. (3) 

ereby, G denotes the gravitational constant and ρc is the (local) 
ensity of the cold clouds. 
The star formation rate is proportional to the fraction of the
olecular clouds fmol . The molecular fraction of the gas is calculated 

iven the observational relation found in the study of Blitz &
osolowsky ( 2006 ). The molecular fraction is proportional to the
ydrostatic pressure of the galaxy and is given by 

mol = 1 

1 + P0 /Pext 
, (4) 

ith P0 /kB = 35000 Kcm−3 and expresses the external pressure of 
he ISM when half of the gas is in molecular form and where kB is
MNRAS 543, 773–788 (2025)
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he Boltzmann constant. The molecular fraction fmol expresses the
2 fraction in the galaxy, i.e. �H2 /�g , where �H2 , g corresponds to

he surface density of the H2 and total gas, respectively. The above
elation is based on the observational relation of the Rmol = �H2 /�HI 

raction, which is related to the pressure as Rmol = [( Pext /k) / (3 . 5 ±
 . 6) · 104 )]0 . 92 ±0 . 07 . The external pressure Pext is calculated from the
id-plane pressure of an infinite disc that consists of gas and stars,

ssuming that the gas scale height is much lower than the stellar
cale height. The pressure is derived from the following expression
s shown in Blitz & Rosolowsky ( 2006 ): 

ext = (2 G )0 . 5 �g ug 

[ 
ρ0 . 5 

stars +
(π

4 
ρg 

)] 
. (5) 

n the last equation, �g is the surface density of the gas, ug is the
ertical velocity dispersion of the gas, ρstars is the mid-plane density
f the stellar population and ρg the mid-plane density of the gas. This
ressure corresponds to the (total) hydrostatic pressure of the galaxy,
hich, apart from the thermal pressure, also includes non-thermal

omponents, such as the magnetic field pressure. For the simulations
n this work, we approximate this pressure with the SPMHD pressure
f the particle plus the magnetic pressure given by the SPMHD code
ADGET . 
We emphasize that for the scope of this work, the general relation

etween the molecular fraction and the hydrostatic pressure is suffi-
ient as a first exploration of the interplay between star formation and
agnetic field growth in galaxies. Blitz & Rosolowsky ( 2006 ) point

ut that the derived fmol − Pext relation might differ in galaxies with
igh-UV flux which can be true in low-metallicity environments. The
ncorporation of a metallicity-dependent molecular fraction relation
o the hydrostatic pressure of the galaxy is out of the scope of this
tudy but can be adjusted in future studies if required. Even though
he galaxy sample of Blitz & Rosolowsky ( 2006 ) is limited and does
ot include all galactic environments, such as S0, E, strong starburst
nd Seyferts, they investigated galaxies with a wide range of mass,
etallicity and column density. This suggests that the fmol − Pext 

olds in many galactic environments with different properties. 
From the stars that are formed, many of them explode as SNe,

hich heats the surrounding medium in the form of thermal feedback.
hus, the hot gas gains energy at the rate 

d 

d t 
( ρh uh )

∣∣∣∣
SN 

= εSN f∗fmol 
d ρ∗
d t 

= βuSN f∗fmol 
ρc 

tdyn 
, (6) 

ith εSN the energy per unit mass that corresponds to one SN
xplosion εSN = 4 · 1048 erg · M−1 

� for the IMF adopted in this
escription (Salpeter 1955 ). In the last equation, ρh and uh refer
o the density and energy per unit mass of the hot phase, respectively.
s a result of the heating, the SN blast wave destroys the star-forming

louds around the region of the SN explosion. Thus, the cold phase
vaporated, and the cold mass fraction of the ISM loses mass at the
ate 

d ρc 

d t 

∣∣∣∣
EV 

= Aβf∗fmol 
ρc 

tdyn 
, (7) 

ith A being the evaporation parameter that scales with density
s A ∼ ρ−4 / 5 (McKee & Ostriker 1977 , see also Section 2.2 ). The
rowth of the cold clouds comes from the radiative cooling of the
ot gas. We follow the formulation of SH03 that assumes the thermal
nstability (TI) operating, giving rise to cold clouds due to the cooling
f hot gas. The mass flow from one phase to the other due to radiative
ooling is described as 

d ρc 

d t 

∣∣∣∣ = − d ρh 

d t 

∣∣∣∣ = 1 

uh − uc 

�net ( ρh , uh ) , (8) 
NRAS 543, 773–788 (2025)

TI TI 
ith uc being the energy per unit mass of the cold phase, uh the
nergy per unit mass of the hot phase and �net ( ρh , uh ) the cooling
unction which is computed from radiative processes taking place
n a primordial plasma of Hydrogen and Helium, as presented by
atz et al. ( 1996 ). In GADGET , we include collisional excitation
f H and He + , ionization of H, He, He + , recombination of H + ,
e + , He ++ , and free–free (thermal Bremsstrahlung) emission. The
as cannot cool below � 104 K because lower temperatures would
equire proper treatment of molecular cooling, which can be included
n our model but is currently neglected. Thus, we set the temperature
f cold clouds to remain constant at Tc = 103 K. 
Taking into consideration all the processes being described, the

ensity of the hot and cold phases changes as 

d ρc 

d t 
= −f∗fmol 

ρc 

tdyn 
− Aβf∗fmol 

ρc 

tdyn 
+ 1 − f 

uh − uc 

�net ( ρh , uh ) , (9) 

d ρh 

d t 
= βf∗fmol 

ρc 

tdyn 
+ Aβf∗fmol 

ρc 

tdyn 
− 1 − f 

uh − uc 

�net ( ρh , uh ) . (10) 

n both differential equations, the first term on the right-hand side
epresents the gain/loss from the star formation, the second term
ccounts for the cold cloud evaporation, and the last one is the effect
f the thermal instability. The parameter f , which can have a value of
 or 0, represents the onset of the thermal instability. For f = 0 the
hermal instability is operating, and stars are forming. In the opposite
ase, when f = 1, ordinary cooling takes place. Following SH03,
o physically differentiate the two cases, we use a density threshold,
thr , which will be calculated in Section 2.2 . Thus, star formation

akes place for regions where the density of the gas exceeds the
ensity threshold ρthr , i.e. when ρ > ρthr . 
The energy of the total gas changes according to all the processes
entioned above and is described in the equation 

d( ρh uh + ρc uc ) 

d t 
= −�net ( ρh , uh ) + βf∗fmol 

ρc 

tdyn 
uSN 

− (1 − β) f∗fmol 
ρc 

tdyn 
uc . (11) 

As mentioned before, the temperature of the cold clouds remains
onstant at Tc = 103 K. Consequently, we assume that uc is constant
n the above equations, and therefore, we can follow the evolution of
he specific energy of the hot phase. 

The hot phase of the gas will evolve according to the differential
quation 

d uh 

d t 
= −

(
β

f∗fmol 

tdyn 

ρc 

ρh 

+ Aβ

tdyn 

ρc 

ρh 

)
uh 

+ f∗fmol 
β

tdyn 

ρc 

ρh 

( uSN + uc ) + f∗fmol 
Aβ

tdyn 

ρc 

ρh 

uc . (12) 

he last equation results in an equilibrium solution for time-scales
arger than the dynamical time. Thus, the temperature of the hot
hase will evolve towards an equilibrium state, as described by 

h = uSN 

A + 1 
+ uc . (13) 

eviations from this equilibrium solution are decaying on a time-
cale 

h = tdyn ρh 

β( A + 1) f∗fmol ρc 

. (14) 

t is interesting to notice that this time-scale depends not only on the
old fraction of the gas but also on the molecular fraction of the cold
as. Therefore, when the magnetic fields are amplified, the molecular
raction rises (as the total pressure rises) and adjusts the equilibrium
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Figure 2. Fraction of the cold phase of the ISM ( x in the model equations) as 
a function of density. The orange points show the result of the new pressure- 
based star formation model, and the green points represent the outcome of 
the classic Springel & Hernquist ( 2003 ) model for star formation. 
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tate compared to the one that does not include magnetic fields. 
he growth of cold clouds is balanced by the star formation and SN

eedback towards an equilibrium which self-regulates these processes 
uring galaxy evolution. The gas then behaves as an effective medium 

ith pressure 

eff = ( γ − 1)( ρh uh + ρc uc ) . (15) 

he effective pressure remains constant due to equilibrium. Taking 
he above into account equation ( 11 ) yields 

ρc 

tdyn 
= �net ( ρh , uh ) 

f∗fmol ( βuSN − (1 − β) uc ) 
. (16) 

e can derive the cold fraction of the gas as a function of the

as density. The cold fraction is defined as x = ρc 

ρ
. The cooling

unction of the hot phase is �net ( ρh , uh ) = ( ρh /ρ)2 �net ( ρ, uh ). Using
he definition 

 ( x ) = tdyn ( x ) �net ( ρh , uh ) 

f∗fmol ( βuSN − (1 − β) uc ) 
, (17) 

he ratio of the densities of the hot and cold phases is written as 

ρc 

ρh 

= ρh 

ρ
y ( x ) . (18) 

As a result, the cold fraction can be written as a function of the
arameter y as 

 = 1 + 1 

2 y ( x ) 
−

√ 

1 

y ( x ) 
+ 1 

4 y ( x )2 
. (19) 

n our model, the cold fraction does not depend only on y, but on the
old fraction itself since the parameter y is a non-linear function of x.
he non-linear expression for the cold fraction comes from choosing 

he dynamical time of the cold gas as a characteristic time-scale of
he star formation. The dynamical time (see equation 3 ) depends on
he cold fraction x as 

dyn = x−1 / 2 

√ 

3 π

32 Gρ
. (20) 

iven the non-linearity of the dependencies, we cannot solve for x 
ut rather find its value numerically. The cold fraction is the root of
he function 

 ( x) = 1 +
√ 

x 

2 δ
−

√ 

x 

δ
+ x 

2 δ2 
− x, (21) 

ith δ

=
√ 

3 π

32 Gρ
· �net ( ρh , uh ) 

f∗fmol ρ( βuSN − (1 − β) uc ) 
. (22) 

fter testing that the equation ( 21 ) has a solution, we numerically
olve it with a simple bisection method. The dependence of the cold
raction x on the gas density is shown in Fig. 2 . 

For comparison with the star formation model of SH03, we directly
ompare our updated version to the original model in the same 
gure. The obvious difference is that, in our case, the cold gas
raction reaches lower values and also does not converge to 1 for high
ensities. This comes from the dependence of the dynamical time 
n the cold fraction that inserts a complicated correlation between 
he cold gas fraction x and the total gas density ρ. Thus, for high
ensities, we do not allow all the gas to be in the cold phase and form
ore stars, but we have included other regulation factors such as the

xternal pressure of the ISM through the molecular fraction fmol . 
In order to distinguish between the different states of the model, i.e.
tar-forming or non-star-forming, the gas parcel enters the multiphase 
odel (i.e. star-forming) once its density is higher than a density

hreshold, ρthr (see discussion on equations 9 and 10 ). Below this
ensity, we set the cold fraction to x = 0, which means that the
as is not star-forming. The density threshold is calculated from the
odel equations and will be discussed in the next section. 

.2 Selection of parameters 

he evaporation factor A (introduced in equation 7 ) scales with
he local density of the ISM, which is theoretically motivated by

cKee & Ostriker ( 1977 ). We scale it with the density threshold as 

 ( ρ) = A0 

(
ρ

ρthr 

)−4 / 5 

. (23) 

n order to constrain A0 , we follow SH03 and consider the onset of the
hermal instability. From the equilibrium solution in equation ( 13 ),
he temperature of the hot phase is approximately 105 K, which is the
eak of the cooling function; therefore, the cooling is very effective,
nd the thermal instability is triggered. Thus TSN /A0 = 105 K, which 
onstrains the parameter A0 to be A0 = 1000, for a typical SN
emperature of TSN = 2 μuSN mH / 3 kB = 108 K. This value of A0 is
etermined as described above and remains fixed in subsequent 
alculations, as we select the other parameters for our model. 

In the following, we derive the density threshold, which differ- 
ntiates between star-forming and non-star-forming gas using equa- 
ion ( 17 ). The cooling function can be written as �net ( ρ, uh ) /ρ =
h /tcool . In order to calculate the density threshold, we calculate the
alue of the cooling function at the baryon overdensity calculated as

ov = 105 3 H
2 

8 πG 

, following SH03. Therefore, the density threshold is 

ritten as 

thr = xthr 

(1 − xthr )2 

fmol ( βuSN − (1 − β) uc ) 

f∗tdyn ( ρov ) � ( ρov , uSN /A0 ) 
. (24) 

he cooling function is calculated at the threshold where uh = 

SN /A0 + uc � uSN /A0 . The cold fraction at the threshold x = xthr 

s given by xthr = 1 + ( A0 + 1)( uc − u4 ) /uSN � 1 − A0 u4 /uSN . The
atter quantity is calculated by setting the condition ueff ( ρthr ) = u4 ,
MNRAS 543, 773–788 (2025)
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Figure 3. Star formation rate surface density as a function of the surface 
density of the total gas in a galaxy for different star formation efficiency 
parameters. The black solid line is the observational Schmidt–Kennicutt 
relation, and the grey lines represent its errors. All quantities are azimuthally 
averaged. In this test simulation which was used to calibrate the model, we 
varied only the star formation efficiency f∗. The rest of the free parameters 
of the model are set to their default value (see Table 1 and are discussed in 
Section 2.2 ). 

Table 1. Summary of the parameters used in the star formation model, where 
f∗ is the star formation efficiency, P0 /k expresses the external pressure of 
the ISM, β is the fraction of the massive, short-lived stars that explode as 
core-collapse SN, and A0 is the scaling factor for the evaporation factor A . 

Parameter f∗ P0 /k (K cm−3 ) β A0 Tc (K) 

Value 0.1 35000 0.1 1000 1000 
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here u4 is the specific energy that corresponds to temperature of
4 = 104 K. This implies that the pressure is a continuous function of
ensity and should stay constant before and after the onset of the star
ormation, which occurs at ρ = ρthr . A further step would require
onsidering the magnetic pressure of other non-thermal pressure
omponents at the threshold. To be more specific, instead of taking
nto account only the effective specific energy of the gas, we could
nclude the magnetic energy or alternatively consider the sum of the

agnetic pressure plus the gas pressure being a continuous function
f density. The magnetic pressure and energy scales with B2 , which
cales with the density as ρ4 / 3 in the flux freezing limit. This would
nclude more complications in calculating the cold fraction at the
hreshold and is not crucial for the simple approach we are adopting
ere. 
In equation ( 24 ), we notice that the density threshold depends

n the molecular fraction of the gas. Since we have already set the
ondition of continuous pressure on the onset of star formation to
e P4 , i.e. the pressure that corresponds to a temperature of 104 K,
t is then a natural consequence to use this pressure to calculate the
olecular fraction at the threshold, which will be 

mol ( P4 ) = 1 

1 + P0 /P4 
. (25) 

he density threshold is now calculated as 

thr = xthr 

(1 − xthr )2 

fmol ( P4 )( βuSN − (1 − β) uc ) 

f∗tdyn ( ρov ) � ( ρov , uSN /A0 ) 
. (26) 

Another parameter that we should specify, which is a free param-
ter of the model, is the efficiency of the star formation process f∗.
he efficiency of star formation is related to the gas component of the
alaxy, especially the cold gas. These two quantities are correlated, as
bservations show, according to the Schmidt–Kennicutt relation (see
quation 2 in Schmidt 1959 ; Kennicutt 1998 ), which is a tight relation
etween the star formation of the galaxy and the surface density of
he gas in the galaxy. In order to constrain the efficiency parameter f∗
e run test simulations of an isolated Milky Way-type galaxy, with
ifferent f∗ as shown in Fig. 3 . In these test simulations, we keep the
emaining parameters fixed (as shown in Table 1 ) to isolate the effect
f the star formation efficiency. In order to reproduce the observed
chmidt–Kennicutt relation, the value of the efficiency parameter
hould be f∗ = 0 . 1, i.e. star formation efficiency of 10 per cent . 

Moreover, as far as the molecular fraction is concerned, we set
he parameter P0 to be P0 /kB = 35 000 K cm−3 according to the
bservations presented in Blitz & Rosolowsky ( 2006 ). The authors
istinguish two different groups of galaxies, and the parameter P0 

hanges significantly for each of them. There are three galaxies
hat on average they find P0 /kB = 7700 Kcm−3 and for the rest
f the galaxies they find P0 /kB = 43000 Kcm−3 . They attribute
his difference to the content of neutral hydrogen that each galaxy
ontains. As calculated from observations, the mean value of the
rojected surface density of the neutral hydrogen may be low due to
ntense tidal or ram pressure stripping. However, when testing our
odel with the different values of this parameter the one that follows

he Schmidt–Kennicutt relation remains the P0 / kB = 35000 Kcm−3 .
e note that there is no relevant difference in the fit of the Schmidt–
ennicutt relation when we change the P0 / kB , even if the star

ormation efficiency f∗ is adjusted. Therefore, in testing the impact of
0 / kB , we kept the star formation efficiency of f∗ = 0 . 1, as discussed
bove. 

The last parameter that we examine is the temperature of cold
louds. This was assumed to be constant at Tc = 1000 K, but this
s not close to the temperatures at which stars are formed in nature.
NRAS 543, 773–788 (2025)
herefore, we examine the case of lowering the cold gas temperature
nd run a test simulation for Tc = 300 K, which is motivated by
urante et al. ( 2015 ). The lower temperature barely affects the

old fraction and the overall star formation behaviour. The density
hreshold changes slightly because of its dependence on uc . However,
e should bear in mind that the gas at temperatures lower than
03 –104 K needs molecular cooling for proper treatment. Since this
s not included in our simulations, we will keep the temperature of the
old clouds constant to 103 K. A summary of the model parameters
s shown in Table 1 . 

Finally, we would like to point out that similar changes of the
odel by Springel & Hernquist ( 2003 ) have been, for instance,

tilized in the EAGLE simulation project (Crain et al. 2015 ; Schaye
t al. 2015b ). In the EAGLE simulations, star formation is implemented
sing a pressure-based subgrid model following the prescription of
chaye & Dalla Vecchia ( 2008 ). Rather than resolving the formation
f molecular hydrogen explicitly, the model assumes that star
ormation occurs in gas that is cold, dense, and metal-enriched, with
 metallicity-dependent density threshold that mimics the conditions
equired for molecular gas formation. The star formation rate per
as particle is given by a pressure law calibrated to reproduce the
bserved Kennicutt–Schmidt relation: 

˙ � = mgas A

(
P /k 

P0 

)n 

, (27) 

here mgas is the mass of the gas particle, P is the gas pressure, k 
s the Boltzmann constant, and A , P0 , and n are parameters set to
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atch observations. We note that the difference to our model is that
he EAGLE model does not account for a molecular phase from which
tar formation is determined. On the other hand, the MUFASA (Davé, 
hompson & Hopkins 2016 ) and SIMBA (Davé et al. 2019 ) models
eep the density formulation of the original model by Springel & 

ernquist ( 2003 ) but adopt a model for molecular hydrogen and
ase their star formation rate on that molecular phase. The advantage 
and aim) of our formulation over these two models is that ours is
xplicitly designed to adopt non-thermal pressure directly into the 
tar formation prescription (such as magnetic fields and cosmic rays). 
he formulations implemented in EAGLE , as well as in MUFASA and
IMBA , do not natively support that functionality. We do note that
oth of these realizations of the model adopt a different equation of
tate than the one used in this paper and that of the original model by
pringel & Hernquist ( 2003 ). Additionally, we would like to point out

hat in this work, that is, discussing in detail the reformulation of the
odel to a pressure-based fashion, along with a discussion on how 

e solve the relevant equations, we only ‘re-tuned’ the star formation 
fficiency per Fig. 3 , we keep the other parameters of the original
odel of Springel & Hernquist ( 2003 ) fixed. The reason for this is

wofold. First, in this paper we simply want to show that our model
an reproduce the Schmidt–Kennicut relation for our MW-like galaxy 
ompared to the model by Springel & Hernquist ( 2003 ). Secondly,
e are aware that if this model is used in a cosmological context,

ome (if not all) of the other parameters will have to be re-tuned. One
ay reasonably inquire about the specific aspects in which this model 

mproves upon the original. Most importantly, numerous studies have 
dentified pressure as the dominant physical parameter governing star 
ormation. Observations by Blitz & Rosolowsky ( 2006 ) demonstrate 
 tight correlation between the molecular-to-atomic gas ratio and the 
id-plane hydrostatic pressure in galaxies. Since stars form almost 

xclusively in molecular gas, this implies that pressure controls the 
vailability of the star-forming fuel. The THINGS survey (Leroy 
t al. 2008 ) further shows that the molecular fraction, and thus
tar formation rate surface density, correlates strongly with ISM 

ressure rather than total gas surface density alone. These empirical 
rends argue that pressure governs the phase balance of the ISM,
ndirectly controlling star formation by regulating the formation 
nd survival of molecular clouds. ISM theory (Elmegreen 1993 ) 
upports that ambient pressure drives the formation of cold, dense 
olecular clouds by compressing atomic gas and facilitating H2 

ormation. Galactic discs maintain vertical hydrostatic equilibrium, 
here the mid-plane pressure balances the weight of gas and 

tars (Ostriker, McKee & Leroy 2010 ). This equilibrium pressure 
etermines the density structure and molecular fraction of the ISM. 
n turbulent ISM models, turbulent and thermal pressures set the 
hreshold for gravitational collapse of gas clumps, hence controlling 
tar formation efficiency locally (Padoan & Nordlund 2011 ). The 
ressure-regulated, feedback-modulated theory (Ostriker et al. 2010 ; 
striker & Shetty 2011 ; Ostriker & Kim 2022 ) provides a physically
otivated model where the star formation rate self-adjusts to main- 

ain a balance between gravitational pressure and feedback-driven 
SM pressure. Feedback processes inject momentum and energy, 
aising ISM pressure and suppressing runaway collapse, creating a 
elf-regulated equilibrium. This explains why galaxies with different 
as densities exhibit similar star formation efficiencies: pressure 
alance, modulated by feedback, is the fundamental regulator of 
tar formation. 

For these reasons, we consider a pressure-driven model to offer 
dvantages supported by the literature and more consistent with 
undamental physical principles, which makes it a preferable choice. 

oreover, we highlight the simulations by Burger et al. ( 2025 )
ontributing to the ongoing development of pressure-based theo- 
etical frameworks by extending key concepts found in the existing 
iterature. 

.3 Supernova magnetic field seeding 

or a self-consistent model, we also aim to include the effects of star
ormation via the stellar feedback on the magnetic field evolution of
alaxies. To do so, we couple the star formation model with the SN
agnetic seeding model of Beck et al. ( 2013 ). This model assumes

hat the magnetic fields do not have a primordial origin but are
eposited in the ISM from SN explosions. Here, we give a summary
f the model by Beck et al. ( 2013 ) and how this is altered because
e couple it to the updated star formation model discussed in the
revious sections. We point out that the selection of parameter values
resented here is the same as in Beck et al. ( 2013 ). We intentionally
o not vary these parameters and stay as close as possible to Beck
t al. ( 2013 ) in order to identify the different behaviour introduced
n our model. 

According to Beck et al. ( 2013 ), an extra term is included in the
nduction equation to include the effect of the magnetic field seeding.
hus, the induction equation is written as 

∂ B 

∂t 
= ∇ × (v × B ) + η∇2 B + ∂ B 

∂t 

∣∣∣∣
seed 

, (28) 

ith the seeding term 

∂ B 

∂t 

∣∣∣∣
seed 

=
√ 

N eff 
SN 

Binj 

�t 
e B , (29) 

here eB is a unit vector in the direction of the seeding, Binj is
he amplitude of the seeding field, and N eff 

SN is a normalization 
onstant that is connected with the number of SN explosions. The
ast parameter is not a free parameter of the model but is calculated
irectly from the star formation recipe in GADGET . For the updated
tar formation model, the mass of stars, m∗, that are formed in each
ime-step � t is calculated as 

∗ = f∗fmol mc 

�t 

tdyn 
, (30) 

here mc is the mass of the cold clouds. The effective number of
Ne explosions is given by 

eff 
SN = αm∗ (31) 

ith α being a parameter that specifies the number of SNe explosions
er solar mass. For our case the parameter α is α = 0 . 008 M−1 

� (for
 Salpeter IMF). 

The total injected magnetic field for all SN explosions is given by 

all 
inj =

√ 

N eff 
SN BSN 

(
rSN 

rSB 

)2 (
rSB 

rinj 

)3 

, (32) 

here BSN is the mean strength of magnetic fields in SN explosions,
SB is the radius of the super-bubble of the explosion assuming 
pherical geometry for the remnant, rSN is a typical radius of the
N remnant and rinj is determined by the smoothing length of the
imulation and shows the region where the superbubbles are placed. 
he magnetic field seeding rate for this model is calculated as 

˙seed � BSN 

(
rSN 

rSB 

)2 (
rSB 

rinj 

)3 
√ 

˙NSN �t 

�t 
. (33) 

he SN radius is assumed to be rSN = 5 pc , a typical value for the
agnetic field strength is BSN = 10−4 G which is then distributed in
 bubble of radius rSB = 25 pc . 
MNRAS 543, 773–788 (2025)
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Table 2. List of parameters for the initial conditions of the galaxy simulation 
surrounded by a gas halo. 

Disc Parameters 

Total mass (1010 M�) M200 100 
Virial radius r200 145 
Halo concentration c 12 
Spin parameter λ 0.033 
Disc spin fraction jd 0.067 
Disc mass fraction md 0.067 
Bulge mass fraction mb 0.034 
Disc scale length (kpc) ld 2.1 
Disc height (ld ) z0 0.2 
Bulge size (ld ) lb 0.2 

Table 3. Total particle number for each particle type of the galaxy, the gas 
and dark-matter halo system used as initial conditions for our simulations. 

Particle numbers (106 ) 

Gas in the disc Ngd 1.2 
Stellar disc Nsd 4.8 
Stellar bulge Nb 2.0 
Dark matter NDM 
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The magnetic field configuration added to the induction equa-
ion should be divergence free. Therefore, a straightforward way is
o assume a dipole structure of the magnetic field seed, so the seeding
eld changes at a rate 

∂ B 

∂t 

∣∣∣∣
seed 

= 1 

r 3 

[
3

(
∂m 

∂t 
· e r 

)
e r − ∂m 

∂t 

]
(34) 

ith m the dipole magnetic moment, e r is a unit vector in the r 
irection. The time derivative of each dipole moment is written as 

∂m 

∂t 
= σ

Ball 
inj 

�t 
e B . (35) 

ere, e B is the direction of the seed magnetic field, which is chosen
o be in the direction of the acceleration of the particle; hence, e B =
 / | a| . The normalization constant σ is given by 

= r3 
inj 

√ 

1 

2 
f̄ 3 (1 + f̄ 3 ) , (36) 

ith f̄ = rsoft /rinj is the ratio between the softening and injection
ength. The parameter σ is used to normalize the energy injected,
often the magnetic dipoles in the centre, and truncate it in the scale
f the injection length. 

 N U M E R I C A L  M E T H O D  

e employ the developer’s version of the Tree Smooth Particle
agnetohydrodynamics (SPMHD) code GADGET , which is based

n the well-tested code GADGET2 (Springel 2005 ) and incorporates
n updated SPH implementation introduced in Beck et al. ( 2016 ).
he code follows a Lagrangian treatment of magnetohydrodynamics
nd a tree algorithm for Newtonian gravity. The magnetic field
mplementation is described in detail in Dolag & Stasyszyn ( 2009 ).
he aforementioned model (Section 2 ) for star formation and

eedback is coupled to this version of the code and allows a realistic
nd improved treatment of the ISM in large-scale simulations. This
ncludes star formation, the SN feedback from stars, radiative cooling
nd magnetic fields. 

For the initial conditions, we follow the methods for a galactic
odel first described in Hernquist ( 1993 ) in the numerical im-

lementation that has been used in Springel ( 2005 ). The galactic
odel consists of a stellar bulge, a stellar disc, and a gas disc

mbedded in a dark matter halo. The dark matter and bulge follow
 mass distribution of a Hernquist profile (Hernquist 1993 ). This
ystem is surrounded by a hot circumgalactic medium (CGM) as first
resented in Moster et al. ( 2010 ); here, we use the implementation of
teinwandel et al. ( 2019 ) that incorporates some modifications from
onnert ( 2014 ) concerning the sampling mechanism of the CGM’s
ensity distribution. This follows a β-profile, namely 

( r) = ρ0 

(
1 + r2 

r2 
c 

)−3 β/ 2 

. (37) 

ith β = 2 / 3, following Mastropietro & Burkert ( 2008 ). In the
ast equation, ρc = 5 · 10−26 g cm−3 and rc = 0 . 33 kpc, as shown in
teinwandel et al. ( 2019 ). We chose this setup in order to accurately
odel the smooth accretion of gas towards the galactic disc, and as
e use particles to discretize the induction equation, we need a carrier
edium to properly deal with the vacuum boundary conditions of the
agnetic field. This set-up is already tested and described in detail

n Steinwandel et al. ( 2019 ). Although this galactic model lacks a
osmological background, it is a useful layout in order to examine the
ffects of the updated star formation routines in a clean environment.
n Tables 2, 3 , a summary of the parameters for the initial conditions
NRAS 543, 773–788 (2025)
sed is shown. 
The galaxy has mass resolution of 4800 M� in the gas and stellar

omponent and 96 000 M� in dark matter. The spatial resolution is
imited by the gravitational softening, which is calculated from the
ecursive formula: 

= εold 

(
m 

mold 

)1 / 3 

. (38) 

he reference simulation for the softening that we used to obtain
he force softening of our simulations is a set of MAGNETICUM 

2 

imulations (Hirschmann et al. 2014 ) as a benchmark, denoted by
he subscript ‘old’ in equation ( 38 ). We use the gravitational softening
sed in the MAGNETICUM simulations, normalized in our galactic set-
p. For the gas particles, the gravitational softening is εgas = 10 pc / h ;
or the stellar particles, it is εstars = 20 pc / h ; and for the dark matter
articles, it is εDM 

= 83 pc / h . 

 RESULTS  F O R  A  M I L K Y  WAY  TYPE  G A L A X Y  

n this section, we present the results of a Milky Way-type galaxy
high-mass Galaxy, HMG hereafter), considering two different con-
gurations for the initial conditions of the magnetic field. In the first
odel, we use a primordial magnetic field of strength 10−9 B in ˆ x 

irection of a Cartesian coordinate system (to be called HMG-B ),
hich is chosen to resemble an already partially amplified magnetic
eld. The second model includes the full version of the new star
ormation model coupled with the SN seeding prescription (to be
alled HMG-snB ). The magnetic seeding from SN explosions is a
elf-consistent way to account for the magnetic fields in the galaxy
nd allow the interaction with the star formation and feedback
rocesses within the ISM. Additionally, we include a run without
agnetic fields, i.e. HMG-noB for comparison. To directly compare
ith SH03, we run two different simulations using the SH03 model,

.e. one without magnetic fields, to be referred to as HMG-noB-SH

http://www.magneticum.org/simulations.html
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Figure 4. Temperature–density phase diagram, colour-coded by the star 
formation rate of each gas particle. The left upper part of the diagram 

corresponds to the gas halo particles, while the lower right part corresponds 
to the gas content of the galaxy. The top panel is at the beginning of the 
simulation, and the bottom is after 1 Gyr of evolution. 
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Figure 5. Projection on the x–y plane of the galaxy for the HMG-B 

simulation, colour-coded by the star formation rate. The star formation rate 
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panel corresponds to 1 Gyr of evolution and the right to 2 Gyr. A very similar 
structure is also found in the HMG-snB model. 
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nd one with the full SH03 star formation and SN feedback model,
o be called HMG-snB-SH . 

.1 General properties and morphology of the galaxy 

efore taking a closer look at the morphology of the galaxy and
he structure of the magnetic field in the galaxy, it is interesting
o examine the temperature–density phase diagram. In Fig. 4 , we 
how the temperature of the gas as a function of the density at
he start of the simulation for the model HMG-B for two different
oints in time, i.e. at the initialization of the galaxy simulation (upper
anel) and after 1 Gyr of evolution (bottom panel). The colour bar
hows the star formation rate for each computational particle. The 
rominent upper-left purple patch corresponds to the hot gas halo 
urrounding the galaxy, and it is evident that a part of it cools
own as it accretes onto the galaxy. The bottom-right part of the
lot corresponds to the gas disc of the galaxy. The bottom right
art, which represents the material in the galaxy, can be split into
wo regions, the non-star forming region for densities lower than 
he critical density threshold ρthr shown in purple that has an star
ormation rate (SFR) of 0, and the star-forming material that lies
bove the density threshold. The clear separation based on the star
ormation rate is correlated to the density threshold imposed by 
ur modified star formation recipe. It is worth mentioning that this
ensity threshold is correlated with the molecular fraction we obtain 
irectly from the total hydrostatic pressure in the galaxy’s mid-plane. 
oreover, we note that the temperature is interpreted as an effective

emperature of the particles in the multiphase model since the cold
louds are kept to a constant temperature of Tc = 103 K. This is
sually much lower than the temperature of the hot gas in the ISM,
hich easily exceeds 105 K (McKee & Ostriker 1977 ). 
As the galaxy interacts with the CGM, the gas halo cools down, and

here is an inflow of fresh gas on to the galactic disc. A fraction of the
as is not star-forming with higher temperatures that stream from the
old disc towards the hot gas halo. This fraction of the gas is pushed
ut of the disc by the rising magnetic pressure, which generates an
utflow of low, non-star-forming flow of gas that rises above the disc
ntil it reaches pressure equilibrium with the surrounding hot gas 
f the CGM. The gas pushed out remains always below the density
hreshold for star formation. After 1 Gyr of evolution, there is still a
art of the gas in the galaxy (shown in purple in the bottom panel of
ig. 4 ) that does not enter the star formation regime. This is a part
f the galaxy very low in density which remains below the density
hreshold and therefore cannot be star forming. We find a very similar
tructure in the phase diagrams for the model HMG-snB . 

In Fig. 5 , we show a projection of the star formation rate of the
alaxy for the model HMG-B after 1 Gyr (left panel) and 2 Gyr (right
anel) of the evolution of the system. We find similar morphological
tructures for the model HMG-snB . This can be explained by the
act that, at this time, the magnetic fields are low in both models
nd, therefore, are not significant enough to alter the dynamics of
he galaxy. The star formation rate follows the density structure of
he galaxy. Thus, our new model predicts higher star formation rates
n the centre and the spiral arms, compared to the inter-arm regions
nd the galaxy outskirts, where the star formation rate is generally
ower by a factor of 10. At the beginning of the simulation, the star
ormation is prominent in the spiral arms but also in the inter-arm
egions. However, at later times, the star formation concentrates in 
he spiral arms as they are highly compressed, and the gas forms
tars very efficiently over a few dynamical times. We also notice
hat the star formation region shrinks after 2 Gyr of evolution (see
ig. 5 ). This can be interpreted by the fact that the star formation
ontinuously drops and drops faster than the gas accretion from the
GM. At later times, star formation is concentrated in the centre of

he galaxy in a bar-like structure fed by the hot gas from the CGM. As
he CGM consists of slowly rotating low angular-momentum gas, the 
ot material quickly assembles in the centre of the disc, triggering
he formation of a bar that makes the accretion of hot gas to the
entre even more efficient. This process subsequently triggers an 
MNRAS 543, 773–788 (2025)
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Figure 6. Radial profile of the star formation rate of the galaxy after 1, 2, and 
3 Gyr of evolution. The blue lines show the HMG-snB simulation, and the 
red lines show the HMG-B model. The prominent peak at 3 Gyr of evolution 
is due to the outflow created (see the text for details). 
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Figure 7. Radial pressure profile for 1, 2, and 3 Gyr of evolution. The blue 
lines show the gas pressure and the magenta lines show the magnetic field 
pressure. For both cases, the solid lines are the pressure components from the 
HMG-B simulation, while the dashed lines are from the HMG-snB. 
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utflow that is generated by the magnetic pressure. We will discuss
he process in more detail in Section 4.2 . 

.2 Radial evolution 

o gauge the consistency of our modified star formation approach, we
iscuss radial profiles of the fundamental quantities directly affected
y our new implementation. 
In Fig. 6 , the star formation rate over a radius of the galaxy is

hown for the two different models, i.e. HMG-B , HMG-snB , at three
ifferent points in time, i.e. 1, 2, and 3 Gyr. The latter refers to the final
ime of the simulation. At early times ( t = 1 Gyr), the star formation
eaks in the centre and declines in a smooth power law as a function
f the radius. The exponential density profile of the galactic disc can
asily explain this behaviour. Both models agree very well and do
ot lead to substantial differences in the star formation rate across
he disc at early times. The sharp drop at around 12 kpc occurs due
o the boundary between the galactic disc and the ambient CGM. As
ow angular momentum gas is accreted towards the outskirts of the
isc, it quickly cools down and forms stars in the outer parts before
he star formation rate drops to zero within the CGM. 

At intermediate times ( t = 2 Gyr, middle panel), we notice that the
tar formation rate is slightly higher in the central part of the galaxy
or the HMG-B model. In that model, the magnetic field pre-exists
nd thus, at 2 Gyr, it has already been amplified enough to assist
tar formation, as suggested by our model. In contrast, the HMG-snB
odel starts with no magnetic field, and therefore, it needs more time

o build up a field with sufficient strength. The same reason applies to
he outskirts of the galaxy. In the HMG-snB model, the star formation
ate drops off in a smaller radius compared to the HMG-B , because
here is no magnetic field at initialization, leading to no contribution
f the magnetic field pressure in the molecular fraction of the gas
nd therefore in the star formation rate. 

The right panel shows the evolution after 3 Gyr. The star formation
ate shows multiple peaks across the galaxy because prominent spiral
rms are formed, as also shown in Fig. 5 . The star formation rate for
he HMG-snB model shows different and more prominent spikes
NRAS 543, 773–788 (2025)
compared to the HMG-B model) because the star formation directly
ollows the magnetic field seeding process in the spiral arms, which
ncreases the molecular fraction in those regions and subsequently
hat increases the star formation rate. 

The radial pressure profiles of the gas and magnetic components
re given in Fig. 7 . The (total) gas pressure is shown in solid lines,
nd the magnetic pressure – defined as PB = B2 / 8 π – is shown
ith dashed lines. The red lines refer to the HMG-B simulation

nd the blue lines to the HMG-snB simulation. Initially, the gas
ressure dominates over the magnetic pressure since the timescale
f magnetic field amplification on this system is large (of the
rder of Gyr). In both models ( HMG-B and HMG-snB ), the gas
ressure has a similar behaviour with higher values in the centre
nd declining profile towards the outskirts of the galactic disc. The
agnetic field pressure is relatively low at the beginning of the

imulation (see the left panel in Fig. 7 ) due to the low values of
he magnetic field strength, but it rises in the outer parts of the
alaxy because the magnetic field is amplified there faster due to
otation. In the case of HMG-snB , the magnetic pressure is lower,
ompared to the one in HMG-B , in the beginning since we start
ith no magnetic field and seed it gradually through the stellar

eedback. 
At 2 and 3 Gyr, there is a pronounced peak in the magnetic and gas

ressure. During the evolution of the galaxy, strong magnetic fields
re built up in the centre of the galaxy. This results in a magnetically
riven outflow that has been extensively discussed in Steinwandel
t al. ( 2019 , 2020 ). This peak in the pressure components explains
he peak in the star formation profiles as our model predicts (see
quation 4 ). Our galactic set-up that includes a galactic disc and a
GM allows for cold gas accretion from the CGM to the galactic disc.
uring the galactic evolution, angular momentum transport pushes
ore and more gas to the centre of the galaxy, forming a bar-like

tructure. The high star formation rate in the cente of the galaxy
urther aids in amplification of the magnetic field in that location.
herefore, the magnetic pressure keeps rising until it is enough to
rive the outflow shown in Fig. 12 . For a complete discussion on the
etails of the outflow formation, we point the reader to section 4.4
f Steinwandel et al. ( 2019 ). 
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Figure 8. Total star formation rate of the galaxy as a function of time. The 
blue line shows the rate for the HMG-snB model and the red line for the 
HMG-B. The vertical lines correspond at the start of the outflow for each 
model following the same colour code. 
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Figure 9. Star formation rate over time for the model HMG-snB, the same 
simulation run without magnetic fields (HMG-noB), and the simulations 
mentioned above using the SH03 model for star formation and feedback. 
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.3 Evolution of the star formation rate 

he total star formation rate over time is shown in Fig. 8 . The star
ormation peaks (starburst) at the beginning of the simulation because 
f the high cold fraction at the initial conditions (same as SH03). A
raction of the gas is kept in the cold star-forming phase, but there
s no stellar feedback yet in the form of SNe to heat the cold gas.
his results in the initial starburst. This can be prevented by steering

SM-turbulence at the beginning of the simulation. However, this is 
eliberately not done as we want to compare as closely as possible
o the results of SH03. The star formation rate gradually decreases 
ith time since the star formation consumes a large part of the gas.
fter almost stabilizing the star formation rate, at 2.1 Gyr, the HMG-
 simulation indicates a sudden drop. This can be explained by the

ising magnetic pressure in the centre, which subsequently drives an 
utflow that is correlated to adiabatic compression of the magnetic 
eld due to a bar-formation process. This increases the magnetic 
ressure in the centre to a similar order to the magnitude of the
hermal pressure (see the middle and right panel of Fig. 7 ; radial
ressure profiles), leading to an outflow driven by the magnetic 
ressure [see Steinwandel et al. ( 2020 ) for details]. This effect
educes the gas reservoir of the galaxy and, subsequently, the fraction 
f the cold gas that can enter the star-forming regime. For this reason,
he star formation rate drops. 

We note that we find a difference for the model HMG-snB
ompared to the previously obtained results from Steinwandel et al. 
 2019 ). While Steinwandel et al. ( 2019 ) reported that there is no
ifference in the magnetically driven outflow between the models 
MG-B and HMG-snB , we find that the outflow is delayed by
00 Myr in the HMG-snB model compared to the HMG-B model. 
his is driven by the modified star formation recipe. In the model
MG-snB , there is no primordial magnetic field; thus, the field 

mplification requires longer to build a strong enough field to drive 
he outflow. Additionally, the modification in the star formation 
odel changes the timing of the episodes of star formation and 

eads to an overall slightly different evolution. 
After ∼3 Gyr or evolution, the star formation rate for both models

eaches an asymptotic value of ∼1 M� yr−1 , which is in line, within 
ncertainties, with observations of the star formation rate of the 
ilky Way (e.g. Robitaille & Whitney 2010 ; Elia et al. 2022 ; Zari,
rankel & Rix 2023 ). 

.4 Comparison with SH03 

n Fig. 9 , we show the star formation rate over time for the model
MG-snB , the same simulation run without magnetic fields ( HMG-
oB ) and their counterparts using the SH03 model. All simulations
se the same initial conditions described in Section 3 . As already
entioned, the peak of star formation rate at the beginning of each

imulation is due to the fact that initially, a lot of gas is initiated in the
old phase, which is star forming. During the first Gyr of evolution,
he star formation rate remains lower for our model compared to the
tar formation rate for the SH03 model. This can be explained by the
act that our model includes the molecular phase of the ISM, which
ives rise to star formation. Since the molecular phase in our model
s a fraction of the cold phase, the star formation is lower in our
odel compared to SH03, in which the cold phase is responsible for

tar formation. In the simulation without magnetic fields (i.e. HMG- 
nB), the addition of the magnetic pressure in the total pressure in
he estimation of the molecular fraction (see equation 4 ) keeps the
olecular fraction higher compared to the case without magnetic 
elds. Therefore, higher molecular fractions are reflected in higher 
tar formation rates. The simulations including magnetic fields (via 
N seeding) reach the same asymptotic value after 3 Gyr of evolution.
e also notice that in our model (HMG-snB), there is a continuous

ecrease of the star formation rate, in contrast to the sudden drop
oticed at ∼2.4 Gyr in the model with the SH03 star formation recipe,
hich is an impact of the magnetically driven outflow (Steinwandel 

t al. 2020 ). 

.5 Magnetic Fields 

n the discussed simulations, we compare two different initialization 
onfigurations for the magnetic fields on the galactic system. The 
odel HMG-B , which is initialized with the primordial magnetic 
eld of 10−9 G and the model HMG-snB , which is based on magnetic
eeding from SN explosions (see the introductory part in Section 4 ).

Fig. 10 shows slices of the galactic plane for the HMG-B (top
anels) and the HMG-snB (bottom panels) for two different times of
MNRAS 543, 773–788 (2025)
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Figure 10. Slice of the x –y galaxy plane of the HMG model with two initial magnetic field configurations. The top panels show the simulation with the 
primordial initial magnetic field, i.e. model HMG-B, at 1 Gyr (left) and 2 Gyr (right). The bottom panels show the simulation with the SN seeding magnetic 
field, i.e. model HMG-snB, at 1 Gyr (left) and 2 Gyr (right). The colour code indicates the magnetic field strength on a logarithmic scale. 
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volution, i.e. 1 Gyr (left) and 2 Gyr (right). The colour code shows
he magnetic field strength for each particle of the computational
omain. In the case of the HMG-B simulation, the magnetic field is
trong enough from the beginning, while the HMG-snB needs more
ime to build up a field of similar strength. Due to the rotation of the
alactic disc, the magnetic field is amplified through the already
nown � mechanism as a part of the α� dynamo (Ruzmaikin,
okolov & Shukurov 1988 ). In our model, the amplification of

he magnetic field is solely driven by rotation since the absence of
urbulence cannot drive the α-dynamo amplification. In the bottom
anels, it is evident that the timescale for the amplification of
he B in the outskirts of the galactic plane is shorter compared
o the amplification in the central parts due to turbulent motions.
he galaxy (in the HMG-snB model) needs substantial time to
roduce stars, from which a few of them will end their lives in
N explosions and, in turn, enrich the ISM with magnetic fields and
ot gas. 
The total magnetic field strength evolution across time is shown

n Fig. 11 . The red line corresponds to the HMG-B simulation, and
he blue line corresponds to the HMG-snB . Initially, in the HMG-B

odel, the primordial magnetic field configuration is amplified in
NRAS 543, 773–788 (2025)



Magnetic field effects on star formation modelling 785

Figure 12. Edge on cross-section slices of the simulation HMG-B that show the start and evolution of the magnetically driven outflow. The outflow starts at 
2.14 Gyr, and we show how it is manifested until 2.49 Gyr. The colour bar (same scale in every plot) shows the magnetic field strength in Gauss. 
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ust an order of magnitude and stays constant until it is significantly
oosted at ∼ 2 Gyr for the HMG-B model. The model in which
he magnetic fields are initiated with the SN seeding model ( HMG-
nB ) shows the steep rise of the magnetic field strength followed
y an exponential growth, which is characteristic of these systems 
Pakmor & Springel 2013 ; Steinwandel et al. 2019 ; Ntormousi et al.
020 ; Pakmor et al. 2024 ). The sudden magnetic field boost is also
hown in the HMG-snB simulation, although it appears later in time 
 ∼ 2.2 Gyr). In both models, the magnetic field strength saturates
f orders of μG , which is also what is measured in observations of
piral galaxies (e.g. Chyży ; Krause 2019 ; Heesen et al. 2023 ). 

In Fig. 12 , the evolution of the magnetic field around 2.1 Gyr is
hown in a series of edge-on cross-section slices of the galaxy for the
MG-B model. As discussed above, the magnetic field is amplified 

n the central part of the galaxy, and it is correlated with a peak in
he thermal gas and magnetic pressure and thus star formation rate 
last panels of Figs 6 and 7 ). Due to this steep pressure gradient,
he low-density but high magnetic field strength outflow is driven. 
he outflow is numerically manifested as SPMHD particles ejected 

rom the disc towards the gas halo, contributing to the gas halo’s
agnetic field. These particles act as carriers for the magnetic 
eld, allowing the outflow to evolve. The geometrical difference 
etween our simulations and those of Steinwandel et al. ( 2019 ) is
hat the outflow in our case is not accelerated to high velocities
nd thus remains closer to the galaxy (max vz ∼ 50 km s−1 ).
he results of the simulation with the SN-seeded magnetic fields 

i.e. HMG-snB model) are similar apart from the time delay in 
he outflow. Our results are also in accordance with Pakmor & 

pringel ( 2013 ), who found low-density but highly magnetized rising
ubbles around the galaxy at ∼2 Gyr with similar geometry. These 
utflows are also observed in different simulations, but in other 
ases, they are claimed to have a different origin, for instance, 
n Marinacci et al. ( 2011 ), where SN-powered bubbles drive the
utflows. 
.6 Relation between the magnetic field and the star formation 

urface density 

e investigate the scaling of the global magnetic field with the
urface density of the star formation rate in our simulated galaxy
ith the full star formation and feedback model (model HMG-snB ).
heoretical studies (e.g. Schleicher & Beck 2013 ; Beck 2015 ) have
hown that the magnetic field correlates with the surface density of
he star formation rate as B ∼ �

1 / 3 
SFR . 

In Fig. 13 , the magnetic field strength over the surface density
f the star formation rate is shown in logarithmic scaling. The red
ots are averages in the line of sight across the galactic disc, and
he blue crosses are azimuthal averages. We also plot the expected 
heoretical scaling (Schleicher & Beck 2013 ), namely, the magnetic 
eld relation with the surface density of the neutral gas (orange line)
nd the magnetic field with the surface density of the star formation
ate coming from the molecular fraction. Our results are in very
ood agreement with the predictions, which are also verified by 
bservations (e.g. Niklas & Beck 1997 ; Krause 2015 ; Manna & Roy
023b ), which find that the total magnetic field correlates with the
as density as Btot ∼ ρ0 . 5 . It is interesting to notice that our model
ends to follow the prediction of the magenta line more closely, i.e.
he correlation between the global magnetic field and the �SFR from 

olecular gas. This reflects directly on the skeleton of our model
ince the star formation is driven by the molecular gas of the ISM. 

.7 Comparison to observations 

o compute the observed mean magnetic field from the simulated 
alaxy (model HMG-snB ), we computed the averaged magnetic field 
ithin the stellar body of the galaxy, i.e. taking a cylinder with
 radius of 10 kpc and a height of ±0 . 5 kpc . The mean magnetic
eld within our simulated galaxy thereby compares very well with 
bservations, as seen in the left panel of Fig. 14 , where we plot
MNRAS 543, 773–788 (2025)
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Figure 13. Logarithm of magnetic field strength over the surface density of 
the star formation rate in the galactic disc. Red symbols show the line of 
sight averaged values and blue crosses the azimuthal average. The two lines 
represent theoretical scaling (Schleicher & Beck 2013 ; Beck 2015 ) between 
magnetic field strength and star formation surface density in molecular gas 
(magenta line) and neutral gas (orange line). The data are calculated after 
2 Gyr of evolution for the HMG-snB model. 
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omplementary to Section 4.6 and Fig. 13 , it is shown here how

he global magnetic field of the galaxy correlates with the surface
ensity of star-forming gas. 
To confirm the observational indication that locally, in highly

tar-forming molecular clouds, the local star formation density
s anticorrelated with the local magnetic fields, we computed an
quivalent star formation surface density for each of the star-forming
NRAS 543, 773–788 (2025)

igure 14. Logarithm of the magnetic field strength as a function of the star format
ample (Tabatabaei et al. 2017 ), blue dots are the model HMG-snB for times betw
.2 Gyr, highlighting the negative correlation at a very high star formation rate. T
018 ), although our simulations do not resolve the very high star formation density 
re the KINGFISH sample, divided by the optical size, to obtain a star formation d
ross (right panel) is what we get for model HMG-snB when we divide the total sta
PMHD particles by dividing the star formation rate of each particle
y the 2D area corresponding to its volume. A comparison of this
quivalent star formation surface density with the local magnetic
eld carried by the SPMHD particle is shown in the right panel
f Fig. 14 , where we also added the measurements from NGC
097 (Tabatabaei et al. 2018 ). It is clear to see that the simulation
lso shows a clear anticorrelation between the local magnetic field
nd the local star formation rate at high star formation rates. Even
hough the resolution of the simulation neither allows to resolve of
ndividual giant molecular clouds nor the simulated galaxy to have
uch strong star formation as the nuclear ring in NGC 1097, it is
isible that magnetic fields significantly influence and regulate the
tar formation. In the spirit of Tabatabaei et al. ( 2017 ), where they
omputed a global star formation rate density by dividing through the
ptical size of the galaxy, we added the KINGFISH sample (purple
ata points in our Fig. 14 , see fig. 8 in Tabatabaei et al. 2017 ) as well
s the value obtained for our simulated galaxy (orange cross in the
ight panel of Fig. 14 ), again showing very nice agreement. 

 SUMMARY  A N D  C O N C L U S I O N S  

e present an updated model for star formation and feedback in the
osmological SPMHD code GADGET that accounts for the magnetic
eld effects on the star formation process in galaxies. We modify the
odel equations of the widely used subgrid model for star formation

nd feedback by Springel & Hernquist ( 2003 ) to include non-thermal
omponents of the ISM in the modelling of unresolved scales. The
ovel feature of our model is that we include an extra component of
he multiphase ISM apart from the hot and the cold phase, i.e. the
olecular component from which the star formation arises. Using an

bservationally derived relation between the fraction of the molecular
as in a galaxy and the total pressure in the galaxy, we include the
ffects of magnetic fields via the magnetic pressure of the galaxy
s a regulation of the star formation process. This pressure-oriented
ion rate (left panel). Observational data are the galaxies from the KINGFISH 

een 1.9 and 2.2 Gyr. The right plot shows a comparison of particle base at 
his is qualitatively in line with observation in NGC 1097 (Tabatabaei et al. 
as in the observed giant molecular clouds. In addition, the purple data points 
ensity in the spirit of what was done in Tabatabaei et al. ( 2017 ). The orange 
r formation rate by the size of the simulated galaxy. 
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pproach allows the inclusion of non-thermal components of the ISM 

n the star formation process. In addition, our model is coupled to
he magnetic SN seeding model (see Section 2.3 ), which deposits the

agnetic field in a galaxy via SN explosions and does not assume
he primordial origin of the magnetic field in galaxies. The effective 
umber of SN explosions, that determine the magnetic field input, is
irectly calculated from our model. Thus, our model incorporates a 
elf-consistent interplay between magnetic fields and star formation 
n galaxies. 

We implemented the model in our developer’s version code 
ADGET and tested it by computing an isolated Milky Way-type 
alaxy embedded in a hot CGM environment. Our results for the 
agnetic field growth and star formation rate over time agree with 

revious studies of such simulations. Apart from that, our model 
s able to predict both local and global properties of the magnetic
eld configuration within the galaxy. Our main conclusions are 
ummarized as follows: 

(i) Our new star formation recipe, tested in an idealized galactic 
nvironment, reproduces the basic galactic properties compared 
o previous studies (e.g. Pakmor & Springel 2013 ; Steinwandel 
t al. 2019 ; Ntormousi et al. 2020 ; Wibking & Krumholz 2023b ;
akmor et al. 2024 ). Galactic magnetic fields are amplified and reach
bservable values of μG. When the magnetic field is sufficiently 
mplified in the galactic centre, it can drive highly magnetised and 
ow-density outflows, enriching the CGM with magnetic fields. 

(ii) We find that the total magnetic field of the galaxy scales with
he surface density of the star formation rate, which is directly 
elated to the gas density of the galaxy. Our results show good
greement with theoretical predictions (e.g. Schleicher & Beck 2013 ) 
nd observations (e.g. Tabatabaei et al. 2017 ). 

(iii) We observe that the local magnetic field strength is anticor- 
elated with the star formation rate in the high star formation rate
egime. This indicates that strong magnetic fields can quench star 
ormation in giant molecular clouds, as suggested by observations 
abatabaei et al. ( 2018 ). 

Our pressure-based star formation and feedback model can be 
urther used to include different components of non-thermal pres- 
ure of the ISM in order to consider all the significant processes
ffecting star formation. Future work includes verifying the model 
n simulations of galaxies with a cosmological background and in 
arge-scale cosmological simulations. 
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